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1 Time

Time is di cult; we don't really know what it is, and the more c arefully we try to measure it, the
more complex it gets. To give some idea of the complexity oféhissue, theAstronomical Almanac
lists the following time systems { TAIl, UTC, TDT, TDB, UTO, UT 1, UT2, GMST, GAST, LMST,
LST { amongst others. We don't need to know everything aboutlaof these, but the complexity
of accurate time-keeping should be appreciatedin astronomical measurements, it is often
important to know what time system is being used for any parti cular application

For more details on time (and all manner of subjects) see thexplanatory Supplement to the
Astronomical Almanac

There are two main ways of measuring time:

using the rotation of the Earth and

using the frequency of atomic oscillations.

The Earth's rotation is not uniform; the rate includes perialic and secular (long-term) changes
of the order of a second per year. Atomic standards are uniforin the microseconds per year
range. Since the 1950s, \atomic time" has taken over from Bdr rotation times. Prior to that,
the best accuracy was given b¥phemeris Time which was used until 1984 and took the best
theory of the Earth's rotation to remove changes in the rotaon rate.

Several time scales still follow the Earth's rotation (eg. icil and sidereal times) but these are now
based on atomic clocks and actual measurements of rotatioate changes. See thExplanatory
Supplement to the Astronomical Almanac

1.1 Earth Rotation Times
1.1.1 Apparent Solar Time: The Equation of Time

It is convenient for many human pursuits to use the Earth's dirnal and annual motion (the day
and year) as a basis for time-keeping. The rotation of the E#lr on its axis is fundamental to
us; our waking and sleeping cycles are determined by it. It,illowever, not strictly constant.
Perhaps the earliest time-keeping was based on the appareaitirnal motion of the Sun, and we
can de ne alLocal Apparent Time by calling the time that the Sun crosses the local meridian
the local noon { or mid-day. The local time is then simply thelLocal Hour Angle of the Sun

+ 12 hours (so the day starts at midnight) { and a day is the interval between successive noons.
This is the time displayed by a sundial, for example.

Using even moderately reliable clocks, it is clear that theay de ned in this way is not constant,
for two main (periodic) reasons:

The eccentricity of the Earth's orbit . Because the Earth's orbit is slightly elliptical,
the Earth moves slightly faster atperihelion (in January) than at aphelion (in July). So,

in our (false) picture of a xed Earth and moving heavens, th&un appears to move slightly
faster at perigee than at apogee. This introduces a variation from uniform motion which
is a wave of period one year.

The obliquity of the ecliptic . If the Earth's orbit were circular, the Sun would appear
to have a constant velocity in celestial longitude (eclipti co-ordinates). But, because the
Earth's axis of rotation is tilted at an angle to the axis of tte orbit, the ecliptic (along which



the Sun appears to move) is tilted at an angle to the celestigquator (this angle is called
the obliquity of the ecliptic). Thus, when we measure the ra of the Sun's motion in RA
(along the celestial equator) we see a varying rate due to tlpeojection of the ecliptic on to
the celestial equator. This introduces a variation from uform motion which is a wave of
period half a year.

The combination of these two e ects leads to th&quation of Time (see gures). In e ect, we
de ne a Mean Sun which is an imaginary point which travels around the celesti equator at
uniform speed. The equation of time is then the di erence bwaieen the position of the mean Sun
and that of the true Sun.
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The position of the mean Sun thus de netocal Mean Time and the interval between successive
transits of the meridian by the mean Sun is the mean solar day.



1.1.2 Mean Solar Time: Time Zones

Greenwich Mean Time (GMT) is de ned by the location of the mean Sun relative to the
Greenwich meridian, and other local mean times are de ned bB@MT with a correction for the
observer's longitude.

On the one hand, it is not convenient to have every longitude ith its own local time (imagine,
for example, making railway timetables when each station kats own time frame), on the other
hand, it is not generally desirable to have any localityoo far from local mean time. This resulted
in the setting up of the time \zone" system about 100 years ago
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1.1.3 Universal Time (UT1 or UT)

UTO and UT2 are versions oluniversal time which are of decreasing use. UT1 (or just UT) is
a measure of the actual rotation of the Earth, independent dbcation and is based on the mean
solar day. It is essentially the same as the now discontinugaMT.

Since it is based on the not-completely-predictable rotain of the Earth, it drifts at about 1
second a year relative to TAL.

1.1.4 Sidereal Times

We have seen the basic idea of sidereal time { \time by the stsil { in the lecture on co-ordinate
systems.

Greenwich Mean Sidereal Time (GMST) is the basic measure for sidereal time and is de ned
by the Greenwich meridian and the vernal equinox. GMST is thdwour angle of the average
position of the vernal equinox { neglecting the short-term ects of nutation. The International



Astronomical Union (IAU) conventions link GMST (in secondsat UT1=0) to UT1 by:
GMST = 2411054841 + 864018812866 T + 0:093104 T2  0:0000063 T3

where:
T = d=36525 and d = JD 245154%)

(T is in Julian centuries from 2000 Jan 1, 12h UT; and JD is thelulian date {to be de ned
later)

Greenwich Apparent Sidereal Time (GAST) is GMST corrected for nutation. Precession
is already allowed for in GMST. The RA component of nutations called the\equation of the
equinox” and so:

GAST = GMST + the equation of the equinox

Local Mean Sidereal Time (LMST) is GMST plus the observer's longitude measured positive
eastof the Greenwich meridian. This is the time usually displaygas LST in an observatory.

LMST = GMST + observef’s east longitude

Local Sidereal Time (LST) we have seen de ned as the local hour angle of the vernal eqoin

Hour Angle = LST + RA

1.2 Atomic Times

Perhaps the most accurate time-keeping is by so-called atanclocks, which count atomic pro-
cesses. These are currently operating at accuracies dowrabmut 10 *°. If they reach an accuracy
of 10 17, they will be a ected by relativistic e ects such that raising or lowering the clock by 10cm
will have a measurable e ect (gravity variation) as will mowng the clock at walking speed (ve-
locity variation). As it is, the most accurate atomic clockshave to be corrected for the oor of
the building on which they are used ! (se&cienti c American, September 2002

1.2.1 Atomic Time (TAI)

International Atomic Time (Temps Atomique International { TAl) is the basis of all
modern time-keeping . The Sl de nition of a second is the duration of 9 192 631 770 dgs of
the radiation corresponding to the transition between thewo hyper ne levels of the ground state
of Caesium{133. This de nition was chosen to be as close assgible to the previous standard {
the ephemeris second .

TAl is an earth-based time, since it is de ned for a particula gravitational potential and inertial
reference on the Earth. In practice, it is de ned by a weighteg: average of 200 atomic clocks, the
Caesium clocks of the U.S. Naval Observatory in Washingtorebng given considerable weight.

1.2.2 Co-ordinated Universal Time (UTC)

Co-ordinated Universal Time (UTC) is the time broadcast by the U.S. National Institute
of Standards and Technology (NIST) and other national staratds. UTC has the sameaate as
TAI, but has integer numbers of seconds added (about one peear) to keep solar noon at the
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same UTC (i.e to keep UTC near UT1). The added seconds are eallleap seconds” and keep
UTC within about 0.7 seconds of UT1. We have:

UTC = TAI AT (number of leap seconds)
and the current di erence AT is 32 seconds.

1.2.3 Terrestrial Dynamic Time (TDT or TT)

Before the widespread use of atomic clockEphemeris Time (ET) was closest to a uniform
time system. Since 1984, this has been replaced Tfrestrial Dynamic Time , which is related
to TAI by a constant o set of 32.184 seconds:

TT = TAlI +32:184

The constant is applied to maintain continuity between ET aml TT across the transition. The
current di erence between TTand UT ( T=TT UT) is about 64 seconds.

1.2.4 Barycentric Dynamic Time (TDB)

Barycentric Dynamic Time (TDB) is the same as TT except that relativistic corrections are
applied to move the origin to the solar system barycentre, ectively removing terms due to the
Earth's motion through the gravitational potential of the solar system. These periodic terms are
smaller than about 1.6 milliseconds and so are not signi cafor much of what we do (they would
be, for example, for accurate timing of millisecond pulsaxs

1.3 Calendars

There are many di erent calenders in use, even today; the hic, Jewish and Christian, the
Indian, Chinese and Japanese, for example. We know also ofnyahistorical” calendars, such
as the Egyptian, Mayan and Roman calendars.

All calendars su er from the same problem; there are not an fager number of days in a year
or month, nor months in a year. This means that they all tend tceither slowly get out of phase
with the year or need some jiggling to stay in phase.

1.3.1 The Year

Things are further complicated by the fact that there is morghan one way of de ning a year:

The tropical year is the interval between two successive passages of the Mean $rough
the vernal equinox and is 365.2421988 mean solar days (i.e tifie). In a sense, this is the
\natural" year as the seasons repeat on this period. (Notet is decreasing at about 0.53
seconds per century).

The Sidereal year is the interval between two successive passages of the Meam &t a
(xed) star and is 365.256366 days (UT). The sidereal day i®hger than the tropical year
because of the retrograde motion of the vernal equinox (due precession).

The Anomalistic year is the interval between two successive passages of the Eatthough
perihelion (or, equivalently, the Sun throughperigee) and is 365.259636 days. Because
of the precession of thdine of apsides { the semi-major axis of the Earth's orbit { the
anomalistic year is slightly longer than the sidereal year.

Don't you just love it ?



1.3.2 The Civil Year

For ordinary \civil" purposes, the year should:
contain an integer number of days and
stay in phase with the seasons

As we have seen, the tropical year marks the recurrence of teeasons, but is close to 365.25
days long. Thecivil year can contain either 365 (ordinary year) or 366 days (leap ygaand by
mixing these in approximately the ratio 3:1, theaverageyear has a length close to that of the
tropical year.

This concept was already known to the Egyptians and it was anléxandrian scholar, Sosigenes,
who advised Julius Caesar to introduce a similar calendartmmthe Roman empire in 46 B.C. The
Julian calendar had every fourth year a leap year. (Incidentally, Julius Cagar ordered that 46
BC should have two extra months and be 445 days long, to brindpé¢ calendar back in line with
the seasons).

In the short-term, this works well, but three years and one bp year give an average year of
365.25 days, di erent from the tropical year by about 0.0078ays, so in a thousand years, you're
out by nearly 8 days.

In 1582, Pope Gregory XllI introduced calendar reform, praecing the Gregorian calendar
which we use today and which is a slightly modi ed Julian caledar, arranged so that 3 days in
every 400 years are omitted. This is achieved by the follovgrrecipe:

every year divisible by four is a leap year (like the Julian dandar),
but every year which is a multiple of 100 isiot a leap year,

unlessthat year is also divisible by four, in which case, iis a leap year.

So, .., 2004, 2008, ... are leap years; but ..., 1700, 18000 @re not leap years; but ..., 1200,
1600, 2000 are leap years.

This calendar will incur an error of just over a day in 4000 yes.

In 1582, Pope Gregory XllI decreed that 10 days should be drped from the calender to realign
the seasons. This was adopted by Italy, Spain, Poland and Rogal immediately and in those
countries, 4th October was followed by 15th October. Other &holic countries followed soon
after, but Protestant countries were reluctant to change ah Greek Orthodox countries didn't
change until the 20th century. Russia changed after the 19X&volution and Turkey in 1927.

Britain and its dominions (including at that time North America) changed in 1752, when 2nd
September was followed by 14th September. Interestinglyh& Unix/Linux calender program,cal
(cal 9 1752) produces:

September 1752
Su Mo Tu We Th Fr Sa
1 2 14 15 16
17 18 19 20 21 22 23
24 25 26 27 28 29 30



1.4 The Julian Day (JD)

To avoid the complications of using calendars, we prefer tese, for many purposes, thdulian
Day Number { or Julian Day .

This was devised by Josephus Scaliger (1540{1609) and prblyanamed to honour his father,
Julius Scaliger. The Julian Day count starts on 4713 BC Janug 1st at 12h GMT. This \zero
point" is so far in the past that all historical dates are pogive, but the apparently rather arbitrary
start year was picked because three (then) important cyclg¢extrapolated into the past) had their
start year in that year. These were the 19-year lunar Metonicycle, the 15-year Indiction Cycle
(a Roman taxation cycle) and the 28-year solar cycle (the pied on which the Julian calendar
repeated). All now largely of historic interest only.

So, 4713 January 1st, 12h GMT (or UT) is Julian day 0.0; 2008 daary 1st 12h UT is JD
245 4466.00. Starting the JD at midday means, for Europeanteanomers at least (and Africa)
observations on any given night have the same JD.

Note that JD is based on GMT/UT so that for the most accurate wo rk, correction
might well need to be made to Terrestrial Dynamic Time, for ex ample . And there are
other, more signi cant corrections which we discuss brie yelow.

The JD is a little unwieldy, so sometimesModi ed Julian Day is used. This is just JD -
245 0000.5

1.5 Heliocentric Julian Day (HJD)

Imagine a star in the plane of the ecliptic (plane of the Eartls orbit) which is in the opposite
direction to the Sun. Six months later, the same star will beery close to (or behind) the Sun.
Neglecting the fact that the Sun is in the way, light from the t&ar now reaching Earth has had to
travel an extra distance equal to the diameter of the Earth'srbit { about 300 million kilometers.
Since the velocity of light is near 300 000 km/sec, the lightakes about 1000 seconds (17
minutes) longer to reach the Earth when the Earth is on the opgsite side of the Sun to the star
than when it is on the same side.

If the star were at the ecliptic pole, then the position of thearth relative to the Sun would have
no e ect on the light travel time  (except for a small e ect due to the eccentricity of the Eartts
orbit).

Now, if we are measuring some periodic phenomenon { such aBpses in a binary or pulsation
of a variable star { we do not want errors of up to 17 minutes inhe data. So, we usually correct
all such observations to the centre of the Sun and get theeliocentric Julian Day (HJD)

Clearly, the correction will depend on the location of the sir relative to the Earth { Sun radius
vector. An approximate correction is:

HIJD = JD + KR (cosLcos cos + sinL (sin sin + cos cos sin ))

where:
K = Sun{Earth light travel time (  0.000578 days)
R = Earth{Sun distance (in A.U.) (1 AU - mean Earth{Sun distance)
L = true longitude of the sun (in degrees)
= the obliquity of the ecliptic (23 2621:448" for 2000.0)
;= co-ordinates of the star in degrees



This is a simple, if tedious, calculation. Values fo. and R are tabulated for each day in the
Astronomical Almanac Most reduction software will calculate theheliocentric correction
automatically.

1.6 Barycentric Julian Day (BJD)

For the most accurate results, it is necessary to correct ties to the centre of mass of the solar
system { the barycentre of the solar system to get Barycentric Julian Day (BJD). Apat from
the Sun, the solar system is dominated by the mass of Jupitesp the di erence between HJID
and BJD is dominated by a cyclic variation of amplitude about4 seconds and with a period of
about 11 years { Jupiter's orbital period.

Note that since a day has 86400 seconds, an accuracy of 1 secon d in timing is about
0.00001 day. At this level it is necessary either to input TT ( rather than UT) to the
calculation of HID and BJD, or to correct from UT to TT afterwa rds.
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2 The magnitude system

2.1 Introduction

Stellar photometry is the measurement of thepparent brightness of stars, usually in more-or-
less well-de ned pass-bands. Ideally, we would like to be labto determine the distribution of

radiation from a celestial body at all wavelengths and with §pectroscopic” resolution. In practice
the technical di culties are many (eg. that the atmosphere &sorbs many spectral regions (X-ray,
UV, etc) so we need very expensive satellite telescopes, idated to speci ¢ wavelength regimes),
and the quantities of light we are dealing with are generallgo small that resolution has to be
sacri ced to get any kind of decent S/N (eg. high time resolubn and high spectral resolution
are only achievable with bright stars and big telescopes).

2.2 Apparent Magnitude { how bright do stars appear to be ?

Around 120 BC, Hipparchus divided the naked-eye stars intoixsgroups which he called rst
magnitude (the brightest) down to sixth magnitude (the fairtest) and we have been stuck with
this upside-down scale ever since. During the 19th centuny,was determined (Steinhel, Pogson)
that the intensity of light received from a 6th magnitude sta was about a hundred times less than
a 1st magnitude star { and that the scale was logarithmic (lig the decibel scale for sound/hearing)
because the eye perceives equatios of intensity as equalintervals of brightness. The magnitude
scale was therde ned so that for two stars with measured brightnesses (light intesities) 1, and
|, di erent by a factor of a hundred, the magnitude di erence wa 5. So,

|
m; mp= 2:5Iog|—1
2

Where the minus sign gives the \inverted" magnitude scale, ith brighter stars having smaller
numbers (magnitudes). Alternatively, we can write for any t&r:

m= 2:5log | + constant

which is sometimes calledPogson's formula , and where the constant is often called theero-
point of the magnitude scale. This has been established over deesdcenturies, if you in-
clude Hipparchus), rst visually, then photographically and photoelectrically, each method giving
greater accuracy. The \zero" has remained approximately # same so that we can compare
present observations to \archive" data { at least roughly.

Again 1alternatively, since 5 magnitudes is a factor of 100 ibrightness, one magnitude is equal
to 1005 = 2.512, and we can write that:

2 _ 2:512" M2
I
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Some examples:

The (apparently) brightest star in the sky, Sirius, has m = -14 (o yes - you can have negativ
magnitudes) and the faintest stars observed in things likehe Hubble \deep" elds have appar-
ent magnitudes near 29. So, theli erence is about 30 magnitudes. This is then six steps of
magnitudes, so theapparentluminosity di erence is a factor 106 or 102,

If star 1 has (apparent)m; = 5.4 and star 2 hasm, =2.4, then star 2 is clearly the brighter (smallef
number) by
(2:512p4 24 =(2:512¢ 159

and you can see from this simple example that a star which is nagnitudes brighter than another
(where n =1,2,3,4,5,6, ...) has a luminosity which is appramately (2.5, 6.3, 16, 40 100, 250, 63
....) times greater.

The two components of Centauri (excluding Proxima) have apparent magnitudes of.83 (A) and
1.70 (B), what is their combined apparent magnitude ?

Since m = {2.5 log!| (plus a constant), we have log = {0.4m, so:

5

log In = 0:4 (0:33) = 0:132 = log 0:738

log Ig = 0:4 (1.70) = 0:680 = log 0:209
SO

Ia + Ig = 0:945 and log(la + 1) = 0:024
Ma+pg = 2:5 ( 024) = 0:06

The fact that the magnitude scale is logarithmic enables the e ective compression of
large factors of brightness into a relatively small range of magnitude. This compact
and easily understood form is really why the system has persi sted { that and the fact

that it annoys the bejasus out of physicists.

2.3 Absolute Magnitude { how bright are stars really ?

If we have a star at an unknown distance, d, with an apparent hainosity, -, and corresponding
apparent magnitude,m, and we de ne itsabsolute magnitude , M and corresponding luminos-
ity, L, to be the apparent magnitude/luminosity when seen from a andard distance,D, then
the inverse-square law for the propagation of light gives:

D2

[
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If we now set the standard distance to be 10pc and substitute

into m; mp= 2:5log‘—1
2

L &
we get:
m M= 25log 1d—20
SO
m M=5logd 5
or

m M = 5log 5

(because = 1/d) and these equations relate the apparent magnituder(), absolute magnitude
(M) and distance () or parallax ( ) of a star in a simple way, resulting from the de nition:

The absolute magnitude of a star is the apparent magnitude th e star would have if
seen from a standard distance of 10 parsecs.

Important points:

Obviously, m and M must be in the same passband and will often be subscripted tadicate
this (eg, my{My, or V{My).

The quantity m M is called thedistance modulus .

If we can measure the apparent magnitude of a star accuratelyhich we can) and we know
the distance (which we generally don't), we can get the absdé magnitude (or luminosity)
which then will allow us to determine important physical paameters for stars { radius,
energy output, and so on.

Alternatively, if we know the apparent magnitude and can degrmine the absolute magnitude
is some devious way, we can get distance. Much of astronomythias spent being devious.

The above equations assume that light travelling from a stato us is not blocked in any
way. This is not true; interstellar dust and gas will scatterand absorb radiation, so that we
typically write

m M=5logd 5+A

(but usually apply the \interstellar reddening" correction to the directly measured apparent
magnitude, m). This will be discussed later.

The absolute magnitude system must be calibrated. This carebdone using:

{ The Sun, for which we know the fundamental parameters, indliing distance, very ac-
curately.

{ Nearby stars for which we can determine trigonometric paralxes accurately. The impor-
tance of theHipparcosdata was mentioned in the rst lecture { this satellite subsantially
improved the accuracy of parallax/distance determinatiorfor nearby stars.

13



{ Star clusters. If we can measure apparent magnitudes for amber of stars in a nearby
cluster and nd stars which are identical spectroscopicallto the Sun (or some of the
trig.parallax stars) we can use these to calibrate the clust and get absolute magnitudes
for hotter and more luminous stars. If we can thus calibratehte distance scale for (eg.)
Cepheids { pulsating stars which have a well-established Bed/Luminosity relationship
{ and which are very luminous { we can start to calibrate extragalactic distances.

Some examples:

The apparent magnitude of the Sun is -26.78 (trust me, I'm anstronomer) and its distance is
AU (by de nition). We know 1pc is 206265 AU and since

m; mp,= 25 Iog\—1
2

we can write . (20626508
m M = 25log T = 25log — 1
SO
2678 M = 5log 2062650 = 3157
thus

M =4:79

and at 10pc, the Sun would appear to be an unimpressive star.

Sirius has an apparent magnitude of -1.44 and a parallax o379 arcseconds. Its absolute magnitu
is thus given by:
144 M = 510g(0:379) 5

SO
M =+1:45

since we determined the absolute magnitude of the Sun to ber@, we can write:
log =™ = 0:4M  Msirus ) = 0:4(479  1:45)

SO
\Sirius 22°

|

e

2.4 Bolometric Magnitude and e ective temperature

The Bolometric magnitude  of a star is simply the magnitude integrated over all wavelghs.
As we have seen, this is not trivial to determine (because semregions of the spectrum are
absorbed by the atmosphere (for example) and theoretical mels are used to determine the
Bolometric correction  { the correction applied to a magnitude (apparent or absold) to get
the bolometric value. Usually:

Mpo = My + BC

14



where the subscript V refers to the \V" or \Visual" passband @ yellow-green lIter) of the UBV
or UBVRI photometric systems (of which, more later)

1
12000 10000 8000 8000 4000

Figure 4: Bolometric correction vs temperature for \normal" dwarf stars

Fig 1.1 is a plot of the bolometric correction for \dwarf" stas (stars like the Sun { working on
hydrogen{fusion). Note that the bolometric correction is sall for stars near the solar temperature
(6000 or 7000K) but rises rapidly for hotter or cooler starsThis is easily understood { stars near
the solar temperature output a large fraction of their enengin the \visible" region - particularly
in the yellow-green region covered by the \V" Iter; very hot stars emit a lot of their light in the
ultraviolet region and very cool stars emit mainly in the infared.

As noted earlier, it is important when using equations such a sm M =5logd 5to
get the magnitudes m and M on the same system. It is important to remember that

if you want the total luminosity of the star, you must use the b olometric absolute
magnitude.

There are a number of ways of de ning the temperature of a staand it is important to know
which is being used.

We could useWien's law which states that for a perfect radiator (a \black body") with a
maximum in energy output at wavelength max :

2898
=——m

max
T

(in this case, the Sun, which has a surface temperature nea8®K would have . = 0.5 m,
whereas the Earth's atmosphere with a temperature of 300K would have ,,x near 10m .)
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In practice, however, it is often very di cult to determine 5« With any accuracy.

The Planck formula could be used to t a Planck curve to a stellar energy distribtion. The
frequency form :
_2h 3

C eir 1

F

usually has ux, F , in Janskys orWatts m 2Hz ! (where 1 Jansky = 102 Wattsm 2 Hz 1).

The wavelength version of the Planck law is :

_ 2hc?

F 5

e 1

with units usually in erg cm 2 A or erg cm 2 Hz ! (cgs).

Stellar spectra, however are rarely black-body-like, so & tting a Planck curve might not be
simple.

Integration of the Planck formula results in theStefan{Boltzmann law  which gives the energy
emitted per unit surface area as:

E=T1

where is the Stefan-Boltzmann constant (5.67 10 8 Wm 2T 4) and the total luminosity of
a star is then:

L =4 R?> T

which leads to the de nition of e ective temperature , T, , of a star { which is the temperature
of a black-body with the same total energy emission per unitugface area. And this is the
de nition of stellar temperature which is usually used.

Note that when >> ., {£ is small and:

F T 4

which is the Rayleigh-Jeans approximation, and the regionfdhe spectrum is known as the
Rayleigh-Jeans tall

The solar constant is the total radiation received from the Sun {outside the Earth's atmosphere
{ at the mean Earth{Sun distance. Currently, this is about 157 W m 2. Since the mean Earth{Surn]
distance is about 1.496 10''m, then the total luminosity of the Sun is:

L =4 (1:496 102 (1367) = 3:845 10 Watts
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Table 1:
Star My BC My Te

Sirius 1.4 -04 1.0 10400
Sun 4.8 -0.1 4.7 5800

Now, from the table, we can repeat an earlier rough calculan:

log Li"“‘s = 04 (47 1.0) = 1:48

SO
I—Sirius I 30L

and the dierence between this result and the earlier one isdeause we have now used tot
luminosity { or bolometric magnitudes. The di erence is lage because Sirius is quite hot (comparg
to the Sun, anyway) and a lot more of its light is output in the bBue/ultraviolet.

Sirius is a double star. The companion is about 10 magnituddainter { but is about the same
colour. This means both stars are about the same temperatuamd therefore have about the sam
bolometric correction. Since they are also at the same distee (to well within the accuracy of
this calculation), we can assume that they have the same drence inabsolutemagnitude as in
apparent magnitude { and also in bolometric magnitude (sire we are assuming the BCs are tf
same). Thus Sirius A and B are di erent in bolometric magnitale by 10 magnitudes or a factor @
(100Y in luminosity.

Since:
L =4 R?> T/
we can write:
La _ R3 T
Le  RE T3

and, since the temperatures are assumed to be equal:
Ri = (100)? R3

SO
Ra = 100 Rg

and since we have the radius of Sirius A as about 1K , this makes the Sun about 60 times th
size of Sirius B. Or, Sirius B is only about twice the radius ahe Earth { it is in fact a degenerate
white dwarf star.

al
od

e

e

—
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3 Spectral Classi cation (in the MK system).

3.1 Spectral Types

With the earliest objective-prism spectra, over a hundredsars ago, it was seen that there was
a range of spectral appearance. To cut a long story short, the were classied A, B, C, etc., in
order of decreasing strength of Hydrogen and other absorgti lines.

It was soon realised that the spectra could be explained as entperature sequence { also, that
some of the assigned types were not stellar (gas clouds, feample) and the sequence which
persists to today was established:

OBAFGKM

This was not ne enough, so a decimal subdivision was added g®@ sequence looks like:
03;04;::::09;B0; B1; B2; ::::B9; AO; Al; :::A9; FO; F1; ::::F9; GO; G1; ::::

and so on, although note that not all decimal types exist. Theequence is NOT a linear sequence,
and further subdivision has occurred in certain types, so #t types like B1.5 exist.

Very recently, cooler stars than the latest M stars have beegiiscovered; the so-called L and T
stars which actually extend down into the \brown dwarf" regon { objects which are not massive
enough to sustain core nuclear reactions and therefore aretmeally stars.

Figure 5: Sample spectral types.
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Figure 6: Sample spectral types in digital form, displayed h ux units.
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Figure 7: Details of G spectral type stars

Why the spectral sequence is a temperature sequence can benday considering the formation
of the Balmer series of hydrogen { which is prominent in manytars (because nearly all stars are
80% hydrogen by mass).

Figure 8: Variation of the Balmer series with temperature in stellar spectra. As temperature increases, the n=2
level, where the Balmer absorption originates, becomes merpopulated (top), but ionisation also increases (middle)
and the combined e ect shows a peak near 10 000 K (bottom) { arand AO in spectral type.
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As indicated in the gure, as temperature increases in a sartgof hydrogen atoms, the n=2 level
becomes more populated at the expense of the n=1 level (graustate).

Additionally, as temperature increases, more hydrogen atts are ionised { and clearly an ionised
atom cannot produce Balmer series absorption. lonisatiomgreases rapidly towards 10 000 K
and the combination of increased n=2 population with incresed ionisation gives a peak in the
Balmer series near 10 000 K { around spectral type AO.

Similar processes happen in other elements, as indicatedlre gure, and the combination of all
these gives the observed spectral sequence.

Figure 9: Variation of some spectral species with temperatte/colour/ spectral type.

Figure 10: Summary of main spectral features.

We have then, that:
Spectral Type = f (temperature)
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3.2 Luminosity Types

We have already seen that Sirius (for example) is a binary wittwo stars of approximately the
same colour (= temperature) but di ering in luminosity by 10 magnitudes { a factor of 10 000.
So, clearly, at least a two{dimensional classi cation is reded.

As we saw with the Sirius system, the di erence must be a radsudi erence. If we assume
that such stars are notvastly di erence in mass, then the radius di erence means that the ore

compact star must have a greater surface gravity. This has &ast two e ects that we can detect
fairly easily (e.g. just by looking at the spectra):

The increased gravity means a more compacted, denser atmiosge. This means that the
absorbing atoms are subject to more electric elds from nelay charged particles and the
guantum levels are broadened, so that a wider wavelength rg@ can be absorbed. This is
pressure broadening or Stark e ect and is particularly strong for Hydrogen and Helium
(Linear Stark e ect).

For elements which are partially ionised, the rate of ionigeon is a function of gas tempera-
ture, whereas the rate of recombination is a function of gasdsity. Thus, where an element
is about half ionised, the gas density can have a signi cantext on the overall degree of
ionisation. Comparison of the strengths of lines from ioresl and neutral (or doubly-ionised
and singly-ionised, etc) atoms of the same element can be limwsity criteria.

Figure 11: Objective-prism type spectra: luminosity e ects at F5. Useful luminosity criteria are the lines Srll
(4077A) and Fell/Till (4172-78 A), for example.
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Figure 12: Digital spectra: luminosity e ects at B1. Useful criteria are the Oll lines 4070, 4348 and 4414, and
the Silll line at 4553A.

Figure 13: Digital spectra: luminosity e ects at F5.
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We have then, that:
Spectral Type = f (temperature)

Luminosity Type = f (surface gravity)

These e ects are not totally independent however, but nearlso.

The most commonly used classi cation system { the MK (MorgafKeenan) system { uses the
spectral types described in the previous section and lumisity classes:

| { supergiants { now subdivided into la-0, la, lab, Ib.
Il { bright giants

1l { giants - also sometines subdivided.

IV {subgiants

V { dwarfs or main-sequence stars

VI { subdwarfs

VIl { white dwarfs (rarely used nowadays)

The MK types can be calibrated against temperature and lumisity (absolute magnitude) {
using nearby stars, stars with trigopnometric parallaxes ahso on { giving us an indirect way of
determining distances for more distant stars { provided wean classify them on the same system.
This use of spectral/luminosity type to get absolute magniide and hence distance is sometimes
referred to asspectroscopic parallax
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Figure 14: HR diagram with sample stars and luminosity calitrations.
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Figure 15: HR diagram with sample stars and indicating stellr radii.

It is worth remembering that many HR diagrams { such as the skeh above { are very biassed.
If we look at the apparently brightest stars in the sky, we arsampling avastly bigger volume for
the supergiants than for the dwarfs. The sketch below showsvalume limited sample { note
the complete absence of supergiants or even giants which ag&atively rather rare.

Figure 16: HR diagram for the nearest stars.
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3.3 Chemical abundance

Although  99% of classi ed stars fall into theOBAFGKM  sequence (and are mostly dwarfs -
or class V), there are many peculiarities.

A number of su ces exist to further qualify spectra, for exanple:

{ e - to indicate the presence of emission (B2Ve)
{ f - to indicate NIl and Hell emission in O stars (O5f)
{ m - enhanced metal features (Am)

{ n, nn - to indicate unusually \nebulous" or fuzzy lines (often dueto rapid rotation)
(B2nn)

{ p - to indicate abundance peculiarity (Ap)
{ k - to indicate the presence of Call - often interstellar (B2MVe

and you can have hours (well, minutes) of fun making up your owodd types, such as BOp,
BOnk, and so on.

The so-called subdwarfs (class VI) can be divided into two welated groups

{ F and G type - stars with real metal-de ciency; these stars formed earlin Galactic
history (like the globular clusters) when metal abundancesere lower.

{ O and B type - which are evolved (post red giant) stars.
And there are many di erent classes of peculiar abundanceass, including:

{ Wolf-Rayet stars - very hot stars with extended atmospheres rich in Carbon (WC
stars) or Nitrogen (WN)

{ P Cyg stars - hot stars in which the lines have an absorption component itwards of
an emission component, indicative of an expanding shell.

{ Hydrogen-de cient stars - a small number of hot ( B type) stars with ny from 1%
down to undetectable, where most stars havey,  95%

{ Ap stars - peculiar A stars with overabundances of Mn, Eu, Cr, Sr, etcprobably
related to strong magnetic elds. This class includes the mdly oscillating Ap (roAp)
stars discovered at SAAQO.

{ Am and Fm stars - \metallic" line A and F stars, which show enhanced metals tative
to Call.

{ Carbon stars - cool stars with overabundances of Carbon (C, R, and N stars)
{ S type stars - very cool stars with rare earth overabundances (ZrO, YO, I@, etc)
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Figure 17: Really \peculiar" spectra !
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3.4 L and T dwarfs

The process of classi cation is simple but very useful. If welassify stars using a set of reference
standards, we can characterise the stars in a number of way®r(example, by relating the MK
type to luminosity/absolute magnitude and hence distance)lf, at some stage, the calibration is
improved, or we calibrate in terms of new parameters, this @sn't a ect the original classi cation
which is still valid.

Sometimes, though, we encounter \new" types of object and a to think about application {
though the process remains similar. The L and T dwarf stars aran example. These are stars
which are cooler than the latest dwarfs { they are the so-ca&t \brown dwarfs" (of which it has
been said \they are neither brown, nor dwarfs").

Examples of their spectra are shown below. Clearly, classation in the visible region is not such
a good idea, because there's almost no ux there. A set of salile classi cation features in the
infrared will need to be developed ...

Figure 18: M and L dwarf stars in the near infra-red.
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Figure 19: L and T dwarf stars in the near infra-red.

Figure 20: L and T dwarf stars in the infra-red (1 { 2.5 m.
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