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1 Introduction

This lecture is a very brief overview ofsometypes of common, or particularly important variable
star.

1.1 Types of variable

The fourth edition of the General Catalogue of Variable Stars(GCVS), lists seven main groups
and many di�erent types of variable. The seven main groups are de�ned by the astrophysical
reasons for variability and are:

� Eruptive variables { includes stars where mass out
ow is important; stars whichrapidly
brighten by 
aring activity (UV Ceti stars) or rapidly fade b y emitting obscuring clouds
(RCB stars), for example.

� Pulsating variables { stars which periodically expand and contract their outer layers.
Pulsation can beradial , with the star remaining spherical through the cycle (eg Cepheids),
or non-radial where the shape deviates from spherical (eg ZZ Ceti stars).

� Rotating variables { stars which have non-uniform surfaces (eg. spots) or ellipsoidal shape,
so that axial rotation causes brightness variation (BY Dra and FK Com stars, for example).

� Cataclysmic variables { stars which have thermonuclear burst processes in their surface
layers (novae) or deep interiors (supernovae). Most of these are close binary systems where
material from a cool star is dumped on to a compact star (such as a white dwarf) via an
accretion disk.

� Eclipsing binaries { a pair of gravitationally bound stars whose orbit is in the line-of-sight
so that each star in turn eclipses the other, causing periodic dips in the total light output of
the system. Classi�cation of eclipsing binaries can be based on the appearance of their light
curves, the physical nature of the components and the degreeof �lling of the Roche lobes
(equipotential surfaces).

� Intense variable X-ray sources { close binary systems that are sources of strong, variable
X-ray emission. Enormous energies are involved and come from the infall of material on to
a very compact star (white dwarf, neutron star or black hole). The X-rays also irradiate the
surface of the cool companion causing a \re
ection e�ect".

� Others { a mixture of oddities, including variable galaxies and quasars and unclassi�ed
variables.

Some variables fall into more than one grouping { we have already seen examples of a pulsating
star in an eclipsing binary system, for example.

It is quite probable that, at some level, all stars are variable. The Sun would not be detectable
as variable at a few parsecs distance, but we know it hasmany pulsation frequencies of very low
amplitude; we also see 
ares and sunspots. Also { on a very long timescale { all stars will show
evolutionary changes, for example.

1.2 Naming of variable stars

Since pre-historic times, people have supposed that the stars are grouped into various �gures on
the sky, mythical characters, animals and so on. Di�erent cultures have di�erent interpretations
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of these, but the division of the sky intoconstellations has persisted to the present.

In the early 17th century, Bayer designated the brightest stars in each constellation with Greek
letters { � Cen, � Cen, 
 Cen and so on. When Greek letters ran out, Roman letters were used.
Later cataloguers such asHevelius and Flamsteed used numbers, adding to the general chaos.

The latter part of the 19th century saw the compliation of large scale catalogues containing
hundreds of thousands of stars. Chief amongst these were theDurchmusterungen; in the north, the
Bonn (BD), and in the south, the Cordoba (CD) and Cape Photographic Durchmusterung (CPD).
These were organised into declination zones { so that stars had designations like BD+27� 215 0r
CPD-69� 2696.

These large compilations resulted in the detection of new variable stars andArgelander , believing
that there would be very few variable stars in any given constellation, introduced the nomenclature
that the variables would be called (for example) { R Sco, S Sco, T Sco, U Sco, and so on.

Pretty soon they got to Z and started using RR, RS, RT, ...., RZ, then SS, ST, ...., SZ, TT, .......
Again, these ran out at ZZ and so AA, ..., AZ, BB, ..., BZ, ......., QZ were used. J was omitted
and inversions (such as BA or DC) were not used, so that 334 combinations were available.

You guessed it - that wasn't enough, so now we use designations starting at 335 { (for example)
V335 Sco, V336 Sco, ... and so at last an open-ended scheme which should need no further
\patches" is available !

Table 1: Variable stars known in 1844 (Argelander).

Star Discoverer Year Comment
o Ceti (Mira) Fabricius 1596 (`Wonderful')
� Persei (Algol) Montanari 1669 Known to Arabic astronomers (`Demon')
� Cygni Kirch 1687
R Hydrae Maraldi 1704
R Leonis Koch 1782
� Aquilae Pigott 1784
� Lyrae Goodricke 1784
� Cephei Goodricke 1784
� Herculis W. Herschel 1795
R Coronae Borealis Pigott 1795
R Scuti Pigott 1795
R Virginis Harding 1809
R Aquarii Harding 1810
� Aurigae Fritsch 1821
R Serpentis Harding 1826
S Serpentis Harding 1828
R Cancri Schwerd 1829
� Orionis J. Herschel 1836

Note that only one constellation has as many astwo known variables !

Note also that by 1912, there were some 4000 known variable stars.
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2 Binaries

A binary star is a system containing two gravitationally bound stars. These range from stars
which are actually touching to stars referred to ascommon proper motion pairs { stars which
appear to be travelling through space together, but which are so far apart that any orbital motion
is so slow we cannot detect it.

Something like half the stars in the Galaxy are probably in binary (or multiple systems); the
nearest star to the Sun,� Centauri is a triple star composed of a close binary� Cen A and� Cen
B { separated by about the Sun/Uranus distance (� 23 AU) { with a more distant, and much
fainter companion, Proxima Centauri, which is usually the nearest star to the Sun.

Figure 1: Schematic binary dynamics.

If we assume:

� Newton's laws of gravity and motion;

� that the masses are point sources (or, at least, sphericallyhomogeneous);

� that the radius vectors r1 and r2 and velocities _r1 and _r2 are known at some time

then the motion of the masses at any subsequent time can be found by:

m1 •r 1 = � G m1 m2
r 1 � r 2

r 3
and m2 •r 2 = � G m1 m2

r 2 � r 1

r 3

wherer = r 1 � r 2

or, taking the motion of m2 relative to m1:

•r = � G (m1 + m2)
r
r 3

Clearly, this is a second-order di�erential equation in three co-ordinates so that 6 constants of
integration will arise in the process of solving the equation. These fall out as quantities such as
the angular momentum per unit mass, the energy constant (which gives the shape of the orbit)
and so on. Generally, some rather tedious algebra enables these to be related to quantities which
we can directly measure.
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Figure 2: Orbital elements.

The orbital elements often { but not exclusively { used are:

� the inclination, i , of the orbital plane to the tangent plane to the sky;

� the angle, 
 , the position angle of the line of nodes , (the intersection of the orbital
plane and the tangent plane to the sky).i and 
 de�ne the position of the orbital plane;

� the angle,! , which de�nes the orientation of the semi-major axis of the orbit. More precisely,
it is the angle between theascending node and periastron { the star crossing the tangent
plane andreceding from the observer.

� the sem-major axis of the orbit,a;

� the eccentricity, e, of the orbit. Of course,a and e de�ne the shape and size of the orbit;

� a time, T , corresponding to a given position in the orbit, usually thetime of periastron
passage { when the stars are at their nearest.

Often the period,P, is given as one of the orbital elements - usually it is the quantity that can be
measured most accurately (oftenvery accurately), but it is not an independent quantity, being
related to the semi-major axis of the orbit and the masses by Kepler's third law (actually, a
generalisation resulting from Newtonian gravity):

a3

P2
/ m1 + m2
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2.1 Visual binaries

Visual binaries are binaries where we can actually spatially resolve the twocomponents { that
usually means they are quite nearby, Sirius, for example

Figure 3: Sirius and its companion. Remember that the imagesare really \point sources" { with a bit of seeing
thrown in { most of the apparent size of the image will come from scattering within the detector (compare the
size of Sirius A and B).

The fact that the stars are well-separated enough to see as a binary usually means that the orbital
periods are long :

Figure 4: Apparent orbit of Canopus B about Canopus A.

Of course, we do not generally know the orientation of the orbit in the sky. The angle between
the plane of the orbit and the plane of the sky is usually called the orbital inclination, i , so
that i = 0 � , means that the orbit is in the plane of the sky andi = 90� , means that the orbital
plane is in the line-of-sight.

Also, the above �gure is reduced to the position of Canopus A.In practice, the actual motion of
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B might look something like the �gure below (because of the proper motion of the system across
the sky).

Figure 5: Hipparcos positions for HIP 32939.

In practice, with a visual binary, we can solve forP, i , ! , e and T, but there is a 180� ambiguity
in 
 (which can be resolved if (Doppler-shift) radial velocities are available. An absolute value
for the semi-major axis,a, requires the distance to be known, but since many visual binaries are
relatively nearby, parallax measurement is possible.

2.2 Spectroscopic binaries

In many cases, we cannot spatially resolve the components ofa binary, but can detect variability
in the spectral features { this is aspectroscopic binary

Figure 6: Schematic for a spectroscopic binary system (as viewed from the left of the page).

Depending on whether we can see spectral features from one star or both stars, the system is
called asingle-lined spectroscopic binary or adouble-lined spectroscopic binary.

What these look like more realistically is shown below:
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Figure 7: Spectra of� Ursae Majoris.

and (if you're damn lucky) the results might be something like:

Figure 8: Velocity curves for Gliese 372.

Try out the simulation at:
www.astro.washington.edu/labs/clearinghouse/labs/Spectbin/binary.html
especially, try varying the eccentricity of the orbit,e, and the masses,M1 and M2.
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With a spectroscopic binary, we can't �nd 
 and we do not, in general, know the inclination of
the orbit, i . This means that the observed velocities at any point in the orbit are actually:

vobs = vactual sin i

and any derived quantity, such as stellar mass, will also have a sin i term in it. We can �nd e
and ! from the shape of the velocity curve (see �gure):

Figure 9: Schematic showing the e�ect of eccentricitye and orientation ! on the shape of velocity curves.

Most importantly though, the spectroscopic binary gives usa way of directly determining the
mass of the stellar components.

If we use the orbital elements de�ned previously and the subscripts 1 and 2 for the two stars
(primary and secondary), from Newtonian gravity, we can write:

G (m1 + m2) =
4 � 2 a3

P2

wherea is the semi-major axis of the relative orbit. And we have:

a1 : a2 : a = m2 : m1 ; (m1 + m2)

so:

a =
a1 (m1 + m2)

m2
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and substituting in the �rst equation, we get:

m3
2

(m1 + m2)2
=

4 � 2 a3
1

P2 G

If we now de�ne the mass function , f 1(m) by:

f 1(m) =
m3

2 sin3i
(m1 + m2)2

then

f 1(m) =
4 � 2 a3

1 sin3i
P2 G

A fundamental result of orbital mechanics is that the amplitude of theobserved velocity variation
is given by:

K 1 =
2 � a 1 sin i

P(1 � e2)1=2

so:

f 1(m) =
K 3

1 P (1 � e2)3=2

2 � G
which reduces to:

f 1(m) = 3 :985 � 10� 20 (a1 sin i )3

P2
or f 1(m) = 1 :038 � 10� 7 K 3

1 P (1 � e2)3=2

(and similar equations forf 2(m)) if the units are: masses in units of solar mass, P in days, K in
km/sec and a in km.

Note that if the binary is single-lined, we cannot determinethe individual masses of the stars,
nor even the total mass of the system, though we could make an assumption about one of the
stars (e.g. it has a certain spectral type which implies a certain mass) or we could calculate a
range of values for one star given a range of masses of the other.

However, if we have both spectra { both velocity curves { we can write:

f 1(m) =
K 3

1 P (1 � e2)3=2

2 � G
and f 2(m) =

K 3
2 P (1 � e2)3=2

2 � G
and:

m2 sin i
(m1 + m2)2=3

=

(
P (1 � e2)3=2

2 � G

) 1=3

K 1 and
m1 sin i

(m1 + m2)2=3
=

(
P (1 � e2)3=2

2 � G

) 1=3

K 2

and combining these, nearly everything cancels, leaving:
m2

m1
=

K 1

K 2

This is a very nice result, because it means we have the mass ratio of the system, independent of
i , the orbital inclination. With a bit more juggling, we get:

m1 sin3i = 1:038 � 10� 7 (K 1 + K 2)2 K 2 (1 � e2)3=2

m2 sin3i = 1:038 � 10� 7 (K 1 + K 2)2 K 1 (1 � e2)3=2

so, as noted before, we can get the individual masses of the stars if we know the orbital inclination.
This only really happens when we have an eclipsing binary system.
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2.3 Eclipsing binaries

A binary is an eclipsing binary when the plane of the orbit is close enough to the line-of-sight
for the stars to eclipse one another.

Figure 10: Schematic examples of eclipsing binary light curves.

From the simple examples, you can see that:

� A 
at-bottomed eclipse occurs when eclipses aretotal or annular . In the central part of
the eclipse, the light output of the system is essentially constant.

� In a total eclipse, the light from only one star is visible, making it simple to calculate the
individual stellar luminosities, L1 : L2 : L .

� Partial eclipses result in continuous light change. Note that for stars with closely similar
radii, a total eclipse will also look like a continuously changing light output.

� In the case of partial eclipses, it is still possible to modelthe relative radii and luminosities;
for all eclipses, this is complicated bylimb darkening { the fact that the stellar disk does
not appear to be uniformly illuminated.

� As the stars get closer together, they tend to be distorted bygravity (they �t equipotential
surfaces). This means that they can no longer be dealt with (dynamically) as point sources,
nor will the surface temperature be uniform (irrespective of any irradiation from the other
star).
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Figure 11: Representative examples of eclipsing binary light curves.

One classical way of classifying eclipsing binaries is by the appearance of their light curves:

� W Ursae Majoris binaries (GCVS: EW types) { binaries where both stars have similar
temperatures and sizes and the stars are very close together, so that distortion may occur,
even \contact". Typical orbital periods are less than a day;the eclipses are of close to equal
depth and the light curve is essentially continually variable.

� � Lyrae binaries (GCVS: EB types) { binaries which are also very close together, but
with unequal components. The eclipses are now of quite di�erent depths although there are
still no constant light phases.

� Algol binaries (GCVS: EA types) { binaries which are generally well-separated so that
there is a 
at { or close to 
at { portion of the light curve. The se are very common amongst
binary systems.
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We have already seen that relative radii (R1=a, R2=a) can be found from the timing of the eclipse
segments (see �gure).

Figure 12: Relative radius determination

If the eclipsing binary is also a double-lined spectroscopic binary, then we can determine the real
size,a, of the orbit (we know the period of the orbit and the actual speed of the stars in the orbit,
given that the inclination must be close to 90� ) so we can get the absolute values forR1 and R2.

If the orbit is elliptical, this is a little more complicated but can still be found.

Figure 13: Ellipticity e�ects on light curves.

Note:

� The displacement of secondary minimum from phase� = 0.5. This is clearly due to the
variation in orbital speed in an elliptical orbit.
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� What is not clear from this �gure is that in the cases where thesemi-major axis is along
the line-of-sight { so that secondary eclipse IS at� = 0.5, then in case II (in the �gure), the
duration of primary eclipse will be shorter than secondary {and in case IV, the duration of
primary eclipse will be longer than secondary, simply because of the orbital speed.

It turns out that ecos! comes from the displacement of the secondary eclipse from central
and esin! comes from the di�erence in eclipse durations.

� Actually, the above �gure was originally intended to illustrate rotation of the line of
apsides { basically precession of the orbital ellipse. This can occur for a number of reasons
including the fact that stars are nor point sources { and might not be spherically symmetric;
the gravitational e�ect of a third body in the system, and so on.

I have tried to show above { in a qualitative way { how fundamental stellar parameters can be
derived from eclipsing systems. We can getP often to a very high accuracy,i is usually quite
close to 90� and so can be solved along withe, ! and the relative radii and luminosities. If the
eclipsing binary is also a double-lined spectroscopic binary, we can also get { very importantly {
absolute values for the stellar radii and masses.

In practice, it is usually necessary to use complex computerprogrammes (The \Wilson{Devinney"
code and LIGHT2 are in common use, and there are others) and tosolve by iteration { usually
trying to restrict some parameters whilst allowing others to vary. With so many parameters, it
is easy to go wrong and �nd \local" minima. It is often useful therefore to use the approximate
methods indicated above to get to a good starting point for the many-parameter solutions.

To make things even worse, there are a number of e�ects which can \distort" a solution or make
the correct results very hard to come by:

2.4 Complications

2.4.1 Re
ection e�ect

We have already seen an example of a strong re
ection e�ect ina binary system { PG1336-018.

Figure 14: Re
ection e�ect in PG1336-018.

A very obvious property of the re
ection e�ect is that there is one maximum per orbit with the
maximum at phase 0.5 { secondary eclipse. This clearly distinguishes it from -
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2.4.2 Geometric e�ect

- geometric e�ects caused by (for example) non-sphericity of one or both stars. The e�ect, shown
in the �gure, means that seen near primary or secondary eclipse (� = 0.0 or 0.5), the observer
sees a (more-or-less) circular surface, whereas at phases 0.25 and 0.75, the area of each star visible
is a maximum and so is the light output (this might not beexactly true because the surface of
the star is no longer at a uniform temperature, but it's close).

Figure 15: Illustration of the e�ect of geometric distortio n on the light curve.

The e�ect is extreme when the two stars are very close together { even touching { and the system
is then not constant at any phase because the areas visible are constantly changing due to both
geometric and eclipse e�ects { and we have already seen this as the \W UMa" type binary.
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Figure 16: Model of a W Uma star and the calculated light curve.

2.4.3 Gravity darkening

Another e�ect of non-spherical stars is that the 
ux emitted from any point on the surface is no
longer independent of position. The surface temperature and surface gravity are not uniform and
since (in an atmosphere in radiative and hydrostatic equilibrium) the emergent 
ux is proportional
to the surface gravity (F / g) and the 
ux, F / T4, then T / g0:25.

It has become standard to write thatF / g� , or T / g� , where� (= 1.0 or 0.25 respectively) is
the gravity darkening exponent .

These values are, however, not well-established though it does seem thatT / g0:25 is realistic for
radiative atmospheres, whereas theory and observational tests suggest the exponent is probably
around 0.08 for convective atmospheres.
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2.4.4 Limb darkening

Limb darkening occurs because as we look at light which comes from nearer theedge of the
disk of a star (the hemisphere seen in projection) we might see into the star to about the same
depth of atmosphere { but we do not see to the same radial level. Or to put it another way, we
see integrated light which has come from less deep in the atmosphere on average and which comes
therefore from cooler gas. Since luminosity (per unit area)is a function of T4, we see less (and
redder) light per unit area.

Figure 17: Limb darkening.

If the light emerging from the centre of the disk isI (0) (surface brightness per unit area) and
the light emerging at an angle� from the centre isI (� ), then an linear expression for the limb
darkening is:

I (� ) = I (0)(1 � u + u cos �) = I (0) � I (0) u (1 � cos �)

whereu is the linear limb darkening coe�cient which is wavelength dependent and has values
between 0 and 1. It depends also on the nature of the stellar atmosphere; for B stars,u is about
0.2, and for G stars, it is about 0.6.

We can generally only measureu directly for the Sun, so that limb darkening coe�cients tend
to be calculated from model stellar atmospheres. A recent discussion of limb darkening using
modern model atmospheres (Astr.J 106, 2096, 1993) indicates that a logarithmic expression:

I (� ) = I (0)(1 � ua + ua� � ub� ln� )

is a better representation of the brightness distribution of the disk.
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Figure 18: E�ects of limb{darkening.

2.4.5 Variability of one or both stars

We have seen that (for example) a star such as PG 1336-018 can be eclipsingand show variability
in one of the stars (actually, of course, there is no reason why both stars cannot vary).

In the case of a binary like PG 1336-018, the rapid pulsational variability can, in principle, be
removed or averaged out over a number of orbits. In some cases, this is not so easy, as the �gures
for AL Velorum show.

This binary was classi�ed A3p about a hundred years ago. Fifty years later, it was classi�ed
K0III + A3 III-V with the K star apparently the brighter of the two { so some indication that
the K star had brightened or the A star faded.

More immediately noticeable is that the outside-of-eclipse light curve is clearly asymmetric about
primary eclipse and variable from season to season. This hasbeen attributed to \star spots"
{ analogous to Sun spots, but probably much more extensive { as the derived model indicates.
(Observatory 115, 31, 1995).
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Figure 19: Light curves of AL Vel from three seasons; 1990{1991 (�lled circles), 1991{1992 (crosses), 1992{1993
(open circles).

Figure 20: \Model" of AL Vel { best �t to the observed light cur ve using two star spots.
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2.5 An extreme case: the binary pulsar

A neutron star may be produced by the collapse of the iron core of a massive star in a supernova
explosion. A neutron star is e�ectively a single atomic nucleus containing� 1057 neutrons; the
star is maintained against collapse by neutron degeneracy pressure.

The mass of the supernova remnant determines what kind of object it is:

� If the mass is less than about 1.4 M� , (the Chandrasekhar limit ) the star is supported by
electron degeneracy pressure . A common illustration of such material is that a matchbox
full would weigh about 10 tons.

� If the mass is greater than 1:4 M� , but less than about 3 M� , the star is supported byneutron
degeneracy pressure ; a matchbox full of this would weigh about 1010 tons !

� If the mass is greater than about 3 M� , even neutron degeneracy will not support the star
and it collapses into a black hole.

Some typical characteristics of neutron stars are:

� densities are a few times 1017 kg/m 3 because although the typical mass of a neutron star is
� 2 { 3 times the solar mass (M� ), radii are only about 15 km.

� rotation rates are up to a kHz (< 1000 times a second)

� magnetic �elds can be up to 108 tesla (1012 gauss)

� surface temperatures may be� 106 K

� surface gravities are so high, typically 1011g, that escape velocities would be� c/2.

It is not certain what the internal structure of a neutron star would be like, but theory suggests
something like the following �gure:

Figure 21: Schematic of possible neutron star structure.
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Neutron stars were predicted in 1934 by Zwicky and Baade { a prediction largely ignored until
the discovery in 1968 of the neutron star in the Crab nebula { the remnant of a supernove in 1054
AD.

Anthony Hewish at Cambridge University initiated a search for rapid 
ustuations caused by the
passage of radio waves through the \solar wind". A grad student, Jocelyn Bell, found very regular
variations (with a period of 1.3373011 sec) from an unknown source. These were half jokingly
referred to as \Little Green Men" because the signal was so regular as to suggest an arti�cial
source. However, it was discovered that the origin was apulsar . These are neutron stars where
ionised particles accelerated in the intense magnetic �eld, produce beams of radiation. If these
sweep across the line-of-sight, they are seen as the pulses of the pulsar (sometimes referred to as
the `lighthouse e�ect" ).

Figure 22: Schematic pulsar.

Clearly, the angles between the rotational axis and the magnetic axis and between the magnetic
axis and the line-of-sight determine what the pulse pro�leslook like to the observer.

Curiously, Hewish got the 1974 Nobel prize for the discoveryand interpretation of the pulsar
phenomenon; Jocelyn Bell (now Bell-Burnell) got nothing.

The Sun rotates at about 1 rotation per 25 days. If the Sun wereto be compressed to the size
of a neutron star, conservation of angular momentum would require the spin rate to be about 2
milliseconds.

This is not a particularly good example as the Sun is of too lowmass to become a supernova. But
it does suggest that the existence of millisecond pulsars should not astound us.
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Over a hundred pulsars had been discovered before the �rst pulsar in a binary system was found.
This was PSR 1913+16, discovered by Russell Hulse and JosephTaylor (Princeton) in 1974 as
part of a systematic search for pulsars using the Arecibo radio telescope. Although several pulsars
in binary systems are known, PSR 1913+16 is often referred toas \the binary pulsar" because
of its properties and the important results derived from it.

Initial confusion over variations in the pulse period were resolved when it was realised it was in
a binary system. It turns out that the companion is also a neutron star { but not a pulsar. This
means that the sysytem is an almost perfect physical laboratory { it comprises two (essentially)
point sources so that tidal e�ects are negligible. In addition, one of the point sources is e�ectively
carrying a highly accurate clock - the spin rate of the pulsar.

Figure 23: Schematic binary pulsar.

Actually, the fact that pulsars are highly magnetic means that they can transfer angular momen-
tum to the surrounding material { and this causes the spin rate to decrease very slowly. (they
also sometimes exhibit \glitches" { sudden small period changes, possibly due to surface pulsar
\quakes"; PSR 1913+16 has not been observed to do the latter). The pulsar period and its \spin
down" derivative have been measured to very high accuracy:

Table 2: Physical parameters for PSR 1913+16

Parameter symbol value
Pulsar period Pp 59.029997929613 millisec
Period derivative _Pp 8.62713 x 10� 18

Note that this a case wherebarycentric correction of timing is an absolute necessity !
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Because the pulse period is so small (0.059 sec), averaging pulse arrival times over as little as 5
minutes gives an accuracy of about 50 microseconds in the period. This means that the classical
\Keplerian" parameters can also be derived to high accuracy, using the pulse timings.
The orbital period and high orbital eccentricity can be seenin the �gure:

Figure 24: Radial velocity curve for PSR 1913+16 derived from the modulation of the pulse period (also shown)
by the Doppler e�ect. The markedly non-sinusoidal nature of the curve is due to the highly eccentric orbit.

Derived orbital parameters include:

Table 3: Orbital parameters for PSR 1913+16

Parameter symbol value
Projected semi-major axis a sin i 7 x 105 km
Orbital eccentricity e 0.6171308
Binary period Pb 0.322997462736 day

It's actually more complicated { the pulse arrival times have to be corrected for:

� pulse propagation times across the orbit (order (v=c)),

� (relativistic) transverse Doppler e�ect and gravitational redshift (order (v=c)2),

� and (relativistic) time dilation e�ects as the pulse signaltravels near the companion star
(order (v=c)3).

In practice, all parameters can be derived simultaneously by a least squares type of analysis, and
the relativistic e�ects noted above were well-establishedby the early observations.
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As time progressed and observations continued, other testsof General Relativity became possible.

� The �rst classical test of General Relativity was the measurement of the precession of the
orbit of the planet Mercury (also called \periastron advance" and usually denoted by _! or
_! GR ).

Figure 25: Exaggerated sketch of orbital precession { the advance of periastron.

The size of this e�ect depends on the strength of the gravitational �eld. For Mercury, the
rate of periastron advance is 43 arcseconds per century; forPSR 1913+16, the rate is 4.2
degrees per year. The advance of periastron depends on the masses of the two stars:

_! GR = 2:11 (m1 + m2) degrees=year

where the masses are in solar masses. Thus the total mass of the system is about 2.8M � .
With observations over a long period of time, the various e�ects can all be disentangled {
including derivation of the separate masses of the two stars.

� A prediction of General Relativity is that accelerated masses will generate gravitational
radiation { in an analogous way to accelerated electrons producing electromagnetic radiation.
The emission of gravitational waves/radiation means that the binary system loses energy {
and therefore that the binary orbit will \decay". After all t he e�ects described above are
removed from the pulse timings, it is possible to look for changes in the orbital period. These
were found by Taylor and Hulse (see �gure)

The rate of orbital period decrease is:
_P = ( � 2:40 � 0:07) x 10� 12

and this is almost exactly the rate predicted by General Relativity. Other theories of gravi-
tation do not agree with this result { most actually predict a positive value.

The Taylor and Hulse result not only strongly supports General Relativity, but also demon-
strated the existence of gravitational radiation for the �rst time. Taylor and Hulse shared
the 1993 Nobel prize for their work.
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Figure 26:

� A further relativistic e�ect, which is not yet clearly demonstrated is that the angular momen-
tum of the rotating pulsar should be coupled with the angularmomentum of the orbit. This
should cause the rotation axis of the pulsar to precess so that { eventually { the obervers line-
of-sight will make a di�erent cut across the radiation beams. There have been small changes
in the observed pulse shape, but it is not yet clear what this means. Precession could enable
the pulse pro�le to be de�ned more accurately; it could also take the beam right out of our
line-of-sight - then we lose this beautiful natural laboratory for testing special and general
relativity.

For more details check (for example):

Astrophysical Journal 195, L51 (1975)
Nature Vol 277, 437 (1979)
Astrophysical Journal 253, 908 (1982)
etc.
http://relativity.livingreviews.org/Articles/lrr-20 03-5
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3 Eruptive variables

3.1 UV Ceti stars

Also often called\
are stars" , UV Ceti stars are M dwarf stars which spectroscopically show
strong emission lines (dMe stars). They are called 
are stars because they show rapid increases
in brightness which are believed to be similar to the 
ares seen on the Sun, but can be 2 to 3
orders of magnitude greater than the largest solar 
ares. UVCeti itself is very active (and is also
one of the nearest stars to the Sun).

Typically two 
are types are seen, \spike 
ares" which can brighten to maximum in a few seconds
to a minute and \slow" 
ares which can take a few minutes to reach maximum. Maximum
brightness is then followed by an exponential-like decay back to the usual light output of the star.
This might take minutes in the case of a spike 
are and hours for a slow 
are.

Figure 27: Fast or \spike" 
are on EV Lac.

Figure 28: Slow 
are on EV Lac.

Flares show the biggest increase in light in the near ultra-violet (U band) with decreasing e�ect
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to redder colours, though radiation is emitted at essentially all wavelengths from X-ray to radio
frequencies.

The blue colour of the 
are is caused by a mixture of increasedUV line emission and continuum
emission { apparently due to the 
are event being a plasma at several times 104K, compared to
the surface temperature of the star which is about 2500 { 4000K.

Figure 29: Spectroscopic development of a 
are on UV Ceti (dM5.6e). The �rst spectrogram is the quiescent star
{ Balmer lines and CaII H & K lines in emission are clear. The 
are development is represented in subsequent
spectrograms; Balmer series emission is obvious and a strong UV continuum appears. Asymmetry in the line
pro�les near maximum 
are activity is probably indicative o f mass motions. (Univ. of Arizona 2.3m telescope).

The actual physical mechanism that leads to these spectacular 
ares is not certain. It appears
likely that it has to do with magnetic reconnection (as in thesolar 
ares) but with �elds of the
order of 2000 { 4000 gauss.
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3.2 R Coronae Borealis (RCB) stars

RCB stars, named after the prototype R Coronae Borealis (R CrB), are a small but fascinating
group of stars.

� Their de�ning characteristic is that they show unpredictable \deep minima" where the star
fades by up to 8 magnitudes { apparently due to the ejection ofcarbon-rich material which
condenses in the line-of-sight and then disperses to join a circumstellar cloud. The decline
can take weeks, the recovery to maximum light can take over a year.

Figure 30: Example of a deep minimum of RCrB itself.

Figure 31: Long time series of observations of RCrB. Each panel is 10 years.
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� They arevery hydrogen-de�cient { hydrogen is almost undetectable (and recall that hydro-
gen comprises about 70% (by mass) of nearly all stars) { and somewhat carbon-rich. other
elements have roughly solar values.

Figure 32: Blue spectra of some RCB stars. The lower stars arecooler as evidenced by the stronger molecular
bands of C2 and CN. Note the absence of the Balmer series of Hydrogen (4861, 4340, 4100, etc).

� They are F-, G- or K-type supergiants, though spectral typing is di�cult because of the
highly unusual lack of hydrogen. Absolute magnitudes are probably around -3 to -4.

� All RCB stars have infrared excesses { more infrared light than would originate from
a stellar source alone). These excesses are due to circumstellar dust clouds which have
temperatures around 500 { 900K. The InfraRed Astronomical Satellite (IRAS) which made
far infrared measurements (out to 60 and 100 microns) detected a huge cool shell (� 25 {
30K) around RCrB and a smaller such shell around SU Tau.

� Outside the deep minima, RCB stars show smaller scale variations. These are not strictly
periodic { or maybe they are multi-periodic (di�cult to tell because the \periods" are tens
of days). In the case of RY Sgr, the brightest southern RCB star, the variations appear to
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be due to radial pulsation.

Figure 33: Small amplitude var�ations of RY Sgr over two seasons. RY Sgr was recovering from a deep minimum
during this time, but the pulsations persist through this ph enomenon.

The deep minima appear to be caused by the emission of carbon-rich material which condenses
into a fairly opaque \soot" cloud { probably glassy or amorphous carbon. The cloud then slowly
disperses allowing the star to appear to recover to its normal brightness. Since an emitted cloud
will only cause the star to dim if it is in line-of-sight to the observer, even a periodic ejection
could appear completely random. It is possible though, thatmaterial is ejected in a disk or shell,
in which case the ejection events must be random. As the cloudcovers up the surface of the star,
the outer layers { the chromosphere and corona { are revealed(just like the solar corona during
a solar eclipse) and strong emission features are seen in thespectrum (see �gure below).

Figure 34: Spectrograms of RY Sgr. Upper: the normal spectrum. Lower: the spectrum duringthe early part of
a deep minimum.
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